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ABSTRACT
We present hydrodynamical models of the grand design spiral M51 (NGC 5194), and
its interaction with its companion NGC 5195. Despite the simplicity of our models, our
simulations capture the present day spiral structure of M51 remarkably well, and even
reproduce details such as a kink along one spiral arm, and spiral arm bifurcations. We
investigate the offset between the stellar and gaseous spiral arms, and find at most
times (including the present day) there is no offset between the stars and gas to within
our error bars. We also compare our simulations with recent observational analysis of
M51. We compute the pattern speed versus radius, and like the observations, find
no single global pattern speed. We also show that the spiral arms cannot be fitted
well by logarithmic spirals. We interpret these findings as evidence that M51 does not
exhibit a quasi-steady density wave, as would be predicted by density wave theory. The
internal structure of M51 derives from the complicated and dynamical interaction with
its companion, resulting in spiral arms showing considerable structure in the form of
short-lived kinks and bifurcations. Rather than trying to model such galaxies in terms
of global spiral modes with fixed pattern speeds, it is more realistic to start from a
picture in which the spiral arms, while not being simple material arms, are the result
of tidally induced kinematic density ‘waves’ or density patterns, which wind up slowly
over time.
Key words: galaxies: spiral – galaxies: kinematics and dynamics – galaxies: structure
– hydrodynamics – ISM: clouds – galaxies: ISM
1 INTRODUCTION
Nearby galaxies such as M51 provide an ideal basis to exam-
ine molecular cloud and star formation, both observationally
and theoretically. Whilst the last decade has seen a huge ad-
vance in high resolution hydrodynamic simulations of galax-
ies (e.g. Wada & Norman 1999; de Avillez & Breitschwerdt
2005; Shetty & Ostriker 2006; Dobbs 2008; Tasker & Tan
2009; Agertz et al. 2009), such calculations are rarely de-
signed to model specific galaxies, e.g. M33, M81, M51 where
we are now obtaining detailed CO, Hα and with Herschel,
FIR observations (e.g. Blitz et al. 2007; Tamburro et al.
2008; Koda & et. al.. 2009). However several groups have
successfully computed orbits of nearby interacting galaxies,
including M51 (Salo & Laurikainen 2000a; Theis & Spin-
neker 2003) and M81 (Yun 1999) using N-body codes. We
take the results from one such calculation (Theis & Spin-
? E-mail: dobbs@astro.ex.ac.uk
neker 2003) as the basis for modelling the gas dynamics of
M51.
1.1 Spiral structure
Spiral galaxies exhibit a variety of morphologies, from floc-
culent to grand design. Their structure and dynamics are
thought to depend on whether the spiral arms are due to
small scale gravitational instabilities in the stars and/or gas,
or larger scale perturbations caused by global density waves,
tidal interactions or bars (e.g. Toomre 1977; Lin & Bertin
1985; Elmegreen 1991b, 1995).
Flocculent galaxies are thought to occur when local
gravitational instabilities in the gas lead to multiple short
arm segments (Elmegreen 1991a, 1995; Bottema 2003; Li
et al. 2005). When instabilities are present in both the gas
and stars, longer spiral arms may develop (e.g. Sellwood &
Carlberg 1984; Elmegreen & Thomasson 1993).
In addition to flocculent spirals, grand design galax-
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ies, predominantly with a symmetric 2 or 4 armed spiral
pattern, constitute around 50 per cent of spiral galaxies
(Elmegreen 1982). Traditionally ‘density wave theory’ has
been used to provide an explanation of the spiral patterns
in these galaxies, where the stars and gas are assumed to
exhibit quasi-stationary standing wave patterns (Lin & Shu
1964). The spiral arms occur where stars are aligned at par-
ticular points of their orbits (Toomre 1977). For both types
of spiral, swing amplification may be important either by
increasing the amplitude of local perturbations (Julian &
Toomre 1966; Toomre 1981; Sellwood & Carlberg 1984), or
by providing a feedback mechanism to maintain wave pack-
ets propagating through the disc (Mark 1976; Goldreich &
Tremaine 1978; Toomre 1981).
However, an alternative picture is that grand design
spiral structure may be caused predominantly by tides,
driven by internal bars or by interactions with other galaxies
(Chamberlin 1901; Toomre & Toomre 1972; Tully 1974; Oh
et al. 2008). In fact, Kormendy & Norman (1979) proposed
that, unless their rotation curves have special properties, all
non-barred grand design galaxies must be the result of in-
teractions with nearby galaxies. This view is strengthened
by the simulations by Bottema (2003).
The first comprehensive investigation of the degree
to which specific grand design spirals could be modelled
by tidal interactions was presented by Toomre & Toomre
(1972). However the limitations of the simple analysis of
Toomre & Toomre (1972) were such that tidal features could
not propagate radially and so could be induced only in
the outer parts of galaxies. Later calculations by Hernquist
(1990) of tidal interactions indicated that with higher res-
olution, and when including a fully consistent gravitational
model, more realistic rotation curves and self-gravity of the
stars, the spiral structure extends to much smaller radii
and is longer lived. Hernquist (1990) found that tidally in-
duced waves are amplified by the swing amplification mech-
anism, as predicted by Toomre (1981). Furthermore, the spi-
ral structure is more easily seen and so prolonged when
gas is present (Sundelius et al. 1987; Bertin et al. 1989;
Chakrabarti 2008). Nevertheless, the tidal encounter could
produce the stimulus for a strong density wave perturba-
tion, as originally hypothesised by Toomre & Toomre (1972),
and discussed in more detail for M51 by Tully (1974) and
Elmegreen et al. (1989).
1.2 Molecular clouds and spurs
For flocculent galaxies, the formation of molecular clouds
is most likely intrinsically linked to the formation of spiral
structure - gravitational instabilities in the gas lead to both
the spiral arms and molecular clouds (Elmegreen 1995). Re-
cently computer simulations have become capable of mod-
eling the hydrodynamics of such galaxies. Several show the
formation of giant molecular clouds in this manner (Wada
& Norman 1999; Wada et al. 2002; Li et al. 2005; Tasker
& Bryan 2006; Robertson & Kravtsov 2008), although colli-
sions between clouds may also contribute (Tasker & Tan
2009). For grand design spirals, GMCs basically form in
the same way, but long-lived spiral perturbations force the
gas into the spiral arms periodically, and for longer. Con-
sequently, the growth of instabilities are more confined to,
and more dependent on the conditions in the spiral arm, e.g.
density, degree of shear. Furthermore collisional formation
of molecular clouds can play a much more important role
as the mean free path between collisions decreases (Dobbs
2008).
In addition to molecular cloud complexes along the
arms, interarm spurs are clearly visible in many spiral galax-
ies (Elmegreen 1980; La Vigne et al. 2006) and are par-
ticularly distinguishable in M51 (Corder et al. 2008). One
possibility is that interarm spurs correspond to features in
the underlying stellar distribution (Julian & Toomre 1966;
Elmegreen 1980; Byrd et al. 1984) and are thus due to grav-
itational instabilities in the stars. More recent simulations,
which assume a static potential, have also shown the forma-
tion of spurs purely from the gaseous component of the disc.
In this case, GMCs form in the spiral arms (e.g. by agglom-
eration (Dobbs & Bonnell 2006; Dobbs 2008) or gravita-
tional instabilities in the gas (Balbus 1988; Kim & Ostriker
2002; Shetty & Ostriker 2006; Dobbs 2008)) and are then
sheared into spurs as they leave the arms. In the presence of
some underlying driving frequency (a global pattern speed)
longer gaseous branches may also develop at certain radii
due to resonances in the disc (Patsis et al. 1997; Chakrabarti
et al. 2003; Ya´n˜ez et al. 2008). In addition, spurs may be
associated with stochastic star formation (Elmegreen 1980;
Feitzinger & Schwerdtfeger 1982), but simulations by Shetty
& Ostriker (2008) indicate that stellar feedback tends to dis-
rupt large spurs in the disc.
1.3 Previous models of M51
M51 in particular is considered the hallmark for grand de-
sign galaxies and as such is a prime candidate for the appli-
cation of density wave theory. However there are clear indi-
cations of a departure from standard density wave theory.
Shetty et al. (2007) show huge variations in the velocities
of gas in the disc, apparently showing large net radial mass
fluxes at some radii, suggesting the spiral structure of the
galaxy is not in a steady state. Furthermore Meidt et al.
(2008) find multiple pattern speeds in M51 (or a radial de-
pendence of pattern speed), indicative that the pattern is
both radially and time dependent.
There have been numerous numerical models of M51,
(e.g. Toomre & Toomre 1972; Hernquist 1990), but the most
thorough are by Salo & Laurikainen (2000a,b). Salo & Lau-
rikainen (2000a) use a least squares technique to find the
orbits of the galaxy–galaxy interaction which produce the
observed structure. They show that a multiple, rather than
single, encounter can produce velocities in the HI tail in
agreement with observations. They also indicate that tidal
perturbations overwhelm any pre-existing spiral structure.
Salo & Laurikainen (2000b) perform higher resolution simu-
lations, though only with a stellar disc, to investigate inner
spiral structure. Similar to Toomre (1969), they propose that
the inner spirals are a consequence of tidal waves propagat-
ing to the centre of the disc.
In order to analyse the extended parameter space, Theis
& Spinneker (2003) instead employ a genetic algorithm to
determine the orbit of M51 and NGC 5195. Based on a much
larger number of simulations, they corroborate the results of
Salo & Laurikainen (2000a) i.e. they find the orbit involves
multiple encounters. Both Salo & Laurikainen (2000a) and
Theis & Spinneker (2003) require that NGC 5195 lies on a
c© 0000 RAS, MNRAS 000, 1–23
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bound orbit to match the spatial and velocity structure of
M51.
1.4 The current paper
So far, simulations of grand design galaxies have largely im-
plicitly assumed density wave theory, invoking a global mode
with a fixed pattern speed by applying a steady rotating spi-
ral potential (Kim & Ostriker 2002; Dobbs et al. 2006; Dobbs
2008). However if grand design galaxies arise from interac-
tions or bars, it is unclear whether the density wave scenario
invoked by Lin & Shu (1964) is appropriate in many galax-
ies. Thus it is important to study the gas dynamics, and
formation of molecular clouds in the context of realistically
induced spiral perturbations. For the case of a bar–driven
grand design spiral, the spiral is believed to be long-lasting,
thus the idea of a spiral structure with fixed pattern speed
may well be applicable. This is less likely to be true for inter-
acting galaxies, where there is a dynamical interaction and
a constantly changing spiral structure.
In this paper we study the dynamics in an interact-
ing system, using orbital data for M51 provided by Theis &
Spinneker (2003). Whilst Salo & Laurikainen (2000b) mainly
concentrated on the stellar structure and dynamics, we fo-
cus on the gas. Salo & Laurikainen (2000a) do include gas in
lower resolution simulations, though they use a sticky par-
ticle method to evolve the gas particles. We instead use a
Lagrangian hydrodynamics code, SPH (Smoothed Particle
Hydrodynamics) to model a dynamic halo, disc (which con-
tains gas and stars) and bulge. We describe the evolution of
the spiral arms, the generation of substructure and the ve-
locities in the gas. We consider whether the evolution of the
disc is significantly different from the previous simulations
which assumed a static potential and therefore a rigidly ro-
tating density wave.
2 COMPUTATIONAL DETAILS
We model M51 and its interaction with NGC 5195 using
SPH, a Lagrangian fluids code. The code is based on an
original version by Benz (Benz et al. 1990), but has since
been subject to significant modifications, including individ-
ual timesteps and sink particles (Bate 1995; Bate et al.
1995). More recently magnetic fields have been included
(Price & Monaghan 2005; Price & Bate 2007), although
these are not used in the current paper.
Unlike GADGET (Springel et al. 2001; Springel 2005),
which has previously been applied to simulations of interact-
ing galaxies (e.g. Cox et al. 2006; Ja´chym et al. 2007), our
code has predominantly been used for simulations of star
formation (e.g. Bate et al. 2003; Price & Bate 2008; Bate
2009a,b). Even for calculations of a galactic disc (Dobbs
2008; Dobbs et al. 2008; Dobbs & Bonnell 2008), we re-
stricted our models to the gaseous component of the disc.
For the simulations in this paper, we model the stellar disc,
bulge and halo, so have therefore adapted the code to in-
clude 2 types of particle, gaseous and stellar.
All particles have variable smoothing lengths, the
smoothing length and density solved iteratively according
to
h = ν
„
m
ρ
«1/3
(1)
(Price & Monaghan 2007). Here ρ is the density, m the mass
of the particle, and ν is a dimensionless parameter set to 1.2
in order that each particle has ∼60 neighbours. We calculate
smoothing lengths for the gas and star particles separately.
For both types of particle, h sets the gravitational softening
length, and for gaseous particles it is also the SPH smoothing
length. Only gas particles are subject to pressure and viscous
forces. Artificial viscosity is included to treat shocks, using
the standard parameters, α = 1 and β = 2 (Monaghan &
Lattanzio 1985).
2.1 The orbit of M51 and NGC 5195
In order to reproduce spiral structure similar to that ob-
served in M51, we model a galaxy representing M51 and
its companion galaxy NGC 5195. We assign the initial posi-
tions and velocities of the two galaxies according to the re-
sults from N-body calculations by Theis & Spinneker (2003).
Theis & Spinneker (2003) usedMINGA, a restricted N-body
code combined with a genetic algorithm code, to determine
the orbit of M51 and NGC 5195. In their calculations, the
interacting galaxy NGC 5195 is represented by a single point
mass, which has one third the mass of M51. The test par-
ticles otherwise comprise the disc and bulge of M51 - the
halo is represented by a potential. They generated spatial
and velocity maps from the outcome of each N-body calcu-
lation to compare with observed maps of HI. The genetic
algorithm code is used to constrain the parameters of the
orbit, and find the best fit to the observed data. The best-
fit model corresponds to a highly elliptical orbit, with two
passages of NGC 5195 through the plane of the disc of M51.
This model provided the initial velocities and positions for
the SPH calculations at a time of ∼ 300 Myr prior to their
current position. At this point in the N-body model, the
two galaxies are separated by approximately 24 kpc. The
resulting orbit of the two galaxies in the SPH calculations
is shown in Fig. 1. The initial positions and velocities of the
two galaxies are listed in Table 1.
2.1.1 Dynamical friction
A difference between the simulations presented here and
those produced using the MINGA code is that we use a
live halo, whereas Theis & Spinneker (2003) use a poten-
tial. Consequently the orbit of the SPH calculations begins
to deviate from that derived from the MINGA calculations
with time. Petsch & Theis (2008) have since implemented
dynamical friction into an improved MINGA code, which
takes into account the effect of the companion on the halo.
They also reran the calculations of Theis & Spinneker (2003)
using dynamical friction. Unfortunately they have not yet
calculated a new orbit for M51, which includes the effects of
dynamical friction.
We did however run calculations of the interaction
without gas, to compare with unpublished purely stellar-
dynamical calculations of Harfst & Theis (private commu-
nication). Although Harfst & Theis modelled NGC 5195
c© 0000 RAS, MNRAS 000, 1–23
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as well as M51 (whilst here we adopt a point mass for
NGC 5195), we found that after 300 Myr, the difference
in the position of the companion, and the structure of the
disc was negligible for the MINGA and SPH codes. After
500 Myr the structure of M51 was still the same, although
the companion galaxy had shifted about 25o further in its
orbit for the SPH code.
2.2 Initial setup of M51 and NGC 5195
We determined the initial distribution of particles in our
model of M51 by using the mkkd95 program (Kuijken & Du-
binski 1995). This is a publicly available program from the
NEMO stellar dynamical software package (Teuben 1995).
In the mkkd95 program we set psi0=-7.65 and ra=0.142
(which determine the size of the halo), md=1.36 (the mass
of the disc), router=3 (the radius where the disc begins trun-
cate) and drtrunc=0.25 (the distance over which the disc
truncates). The remaining parameters (including those for
the bulge) were set as the defaults. We selected these param-
eters to produce a mass and maximum radial extent for each
component similar to those of Theis & Spinneker (2003), al-
though we adopted a slightly less extended halo based on
the rotation curve shown in Sofue et al. (1999). However al-
though the radius and mass chosen for the halo were based
on the observed rotation curve, our rotation curve was not
as flat as Sofue et al. (1999), peaking at around 275 rather
than 250 km s−1. Furthermore the maximum velocity in-
creases slightly during the interaction. Thus in retrospect
we ideally would have needed to start with a more extended
halo. The main difference this makes to our simulation is
that the pattern has rotated further and is therefore slightly
out of phase compared to the observed structure of M51 (see
Sections 4.1 and 4.2).
The properties of our model of M51 are listed in Ta-
ble 2, as well as the number of particles in each component.
We chose to place the most resolution in the disc (and in
particular the gas). Thus we used 1 million particles for the
disc, 6 × 104 for the halo and 4 × 104 for the bulge, giving
a total of 1.1 million. We then assigned SPH particles the
velocities, positions and masses outputted from the mkkd95
program.
We work in a Cartesian coordinate system in which the
x– and y–axes lie in the plane of the sky, and the z–axis lies
towards us along the line of sight. In order to end up with the
observed orientation of M51 we start with our model galaxy
in the plane of the sky and then perform two rotations, first
one of 20o clockwise about the y–axis, and then one 10o
clockwise about the x–axis. Before adding the perturbing
galaxy, we first ran a simulation with stars only, to ensure
that the galaxy had a stable configuration.
Lastly we placed the two galaxies at the relative posi-
tions, and with the respective velocities to reproduce their
orbit, as determined by Theis & Spinneker (2003). The ini-
tial positions and velocities (with respect to our Cartesian
grid) of the two galaxies are those shown in Table 1. Sim-
ilar to Theis & Spinneker (2003) we model the interaction
by designating a single particle as the companion galaxy
NGC 5195, which has a third of the mass of M51. The soft-
ening of the point mass is treated in the same way as the
other particles in the simulation. Salo & Laurikainen (2000b)
similarly only assigned 1 particle to NGC 5195, although
M51 NGC 5195
Initial x 4.91 -17
position y 1.89 -6.55
(kpc) z 0.95 -3.30
Initial vx -1.46 5.86
velocity vy 0.68 -2.44
(km s−1) vz -3.26 15.6
Table 1. The initial positions and velocities for M51 and NGC
5195 are listed. These are extracted from the N-body calculations
performed by Theis & Spinneker (2003).
Component Mass Radial Extent No.
(M) (kpc) particles
M51: Disc 5.9 ×1010 15 106
M51: Halo 1.45 ×1011 20 6× 104
M51: Bulge 5.25 ×109 4.8 4× 104
NGC 5195 7.07 ×1010 - 1
Table 2. The mass, radial extent and number of particles is listed
for each component of the M51 galaxy (the radial extent is the
distance to the edge of each component, although all fall off with
radius). The companion galaxy NGC 5195 is represented by a
single point mass in the simulation, thus has no physical radius.
their first calculations modelled the companion galaxy con-
sistently (Salo & Laurikainen 2000a).
2.2.1 The gaseous component of the disc
We performed 3 calculations with different conditions for the
gaseous component of the disc. In all cases we set 900,000
random particles in the disc as gas particles - thus leaving
100,000 stellar particles in the disc. In model A, this im-
plied a mass resolution of 180 M per particle for the gas
and 2.4×106M per particle for the stellar disc. The average
smoothing length for the gas particles is 100 pc. We did not
change the positions of the gas particles, rather we assumed
they would settle in equilibrium in the direction perpendic-
ular to the disc (see Section 3). We then set masses and
temperatures for the gas particles, as shown in Table 3.
We chose the gas mass to be 0.1, 1 or 10 per cent of
the disc mass, and the temperature as either 100 or 104
K. For these calculations, we take a simple approach and
assume the gas to be isothermal. The cases where the gas
mass is 0.1 or 1 per cent are unrealistically low for a disc
galaxy. However such a low mass largely prevents gravita-
Model Gas mass Temperature min(Qg)
(% of disc) K
A 1 104 30
B 10 104 3
C 0.1 100 30
Table 3. The properties of the gas component are listed for the
3 models presented in this paper. The final column is the min-
imum value of the Toomre stability parameter for the gas (see
Section 2.2.2 and Fig. 2).
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Figure 1. Orbit of M51 (dotted line) and companion galaxy NGC
5195 (solid line) in the xy– (top) and yz– (lower) planes. The ×+
symbol denotes the initial positions of the galaxies and t1, t2,
t3 denote times of 100, 200 and 300 Myr. Recall that the z–axis
lies along the line of sight (with positive z pointing towards the
observer, while the x– and y–axes lie in the plane of the sky.
tional collapse in the gas. Gravitational collapse slows down
the calculations, and requires the inclusion of sink particles.
Furthermore in order to carry out a global comparison of
the gas distribution between models and observations, we
are mainly interested in the structure induced in the gas in
response to the interaction, as opposed to the instabilities
in the gas. For the warm (104 K) gas though, which is less
susceptible to gravitational instabilities, we also ran a model
where 10 per cent of the disc is gas (by mass).
We initially ran a calculation with a temperature of 100
K, setting 1% of the disc as gas. However this gave rise to
widespread self-gravitational collapse throughout the disc.
For this reason we restarted the calculation but taking 0.1%
of the mass of the disc to be gas, which was more stable. In
addition to running models with an interaction, we also ran
a calculation for a galaxy in isolation. For this, we used our
fiducial mode (A) with 1% warm gas.
2.2.2 Stability of the disc
To clarify the gravitational stability of the disc, we com-
puted the Toomre stability parameter for the gas (Qg) and
stars (Qs). We took Qg = csκ/piGΣ and Qs = σRκ/3.36GΣ
where cs is the sound speed, κ is the epicyclic frequency, Σ
the surface density and σR the radial velocity dispersion
Figure 2. Qs and Qg are plotted against radius for model B,
where 10% of the disc is warm (104 K) gas. Qs is the same for
all the models as the stellar distribution does not change. Qg is
a factor of 10 higher for models A and C, which are more stable.
(Toomre 1964; Goldreich & Lynden-Bell 1965; Binney &
Tremaine 1987). A detailed analysis for the Toomre crite-
rion in a two-fluid system is described in Jog & Solomon
(1984) and (Romeo 1992), but we adopt the limiting case
where one component is stable for our simple analysis here.
We show Qg and Qs versus radius for the least stable case
(model B) in Fig. 2. We also state the minimum value of
Qg in Table 3. As Qs is ≈ 1 at larger radii, the stars are
unstable to perturbations, and as we show in Section 3.1.1,
multiple spiral arms develop even in the absence of a tidal
interaction. For the model where 10% of the disc is gas, Qg
is as low as 3, hence the gas is only marginally stable. This
is the least stable case – Qg is a factor of 10 higher in models
A and C.
2.2.3 Sink particles
Even with low surface densities, we found it necessary for
computational reasons to allow the formation of sink par-
ticles. Sink particles replaced regions with gas densities ex-
ceeding 10−12 g cm−3, with accretion radii of 10 pc. Clearly
we do not resolve the Jeans length up to this density with
our resolution – the inclusion of sink particles merely allows
the calculations to continue. In our main model (A) only 5
sink particles are formed during the simulation.
3 ISOLATED GALAXY
Before considering the results of the models where we have
two interacting galaxies, we first consider the case where we
model an isolated galaxy. This galaxy is essentially the same
as that set up for model A, except the galaxy is not inclined
to the line of sight, and is centred at Cartesian coordinates
(0,0,0). We show in Fig. 3 the column density of the gaseous
component after 300 Myr. The structure at this time is typ-
ical of the structure present at any time after 100 Myr -
there are multiple (relatively long) gaseous spiral arms, but
no obvious spiral mode. The combined stellar+gaseous disc
c© 0000 RAS, MNRAS 000, 1–23
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Figure 4. Column density plots show the time evolution of the simulated interaction of M51 and NGC 5195, at times of 60, 120, 180,
240, 300 (corresponding approximately to the present day) and 371 Myr. These plots only show the gas, which represents 1% of the disc
by mass, and has a temperature of 104 K (model A). We model a galaxy representing M51, whilst the galaxy NGC 5195 (a point mass)
is indicated by the white spot. Sink particles are otherwise omitted from the figures (see text). The orbit of the companion galaxy is also
shown on the panels (the dashed section indicates that the companion is behind the M51 galaxy). The galaxy undergoes a transition
from a flocculent spiral to a grand design spiral during the course of the interaction. At the last time frame (371 Myr), the two galaxies
are in the process of merging. Note, both the spatial and density scales differ in the lower 3 plots.
Figure 3. The gas column density is shown for an isolated galaxy,
using the galaxy from model A with 1% warm gas. The time
is 300 Myr, though the nature of the spiral structure does not
change significantly between 100 and 300 Myr. The combined stel-
lar+gaseous disc is unstable to gravitational perturbations (with
Qs < 2), hence a multi-armed flocculent spiral pattern develops.
is evidently susceptible to gravitational perturbations (as
also indicated by the low Qs parameter in Fig. 2). However
the gas tends to be locally stable (since we chose such a low
gas mass) to runaway gravitational collapse, and only one
sink particle forms over the length of the simulation, 300
Myr. The overall appearance is one of a typical flocculent
galaxy.
As described previously, we did not set the gas particles
in vertical equilibrium initially. In the isolated case however,
we find that the gas settles in the z direction within 30
Myr, with a typical scale height of around 200 pc. This is
comfortably before the interaction occurs in our M51 models
described next.
4 M51 MODEL
We describe in this Section the structure of the disc in sim-
ulations of M51 and its orbit with NGC 5195. We provide a
more detailed comparison between our results and the struc-
ture of M51 in Section 4.1.1, a comparison between models
A, B and C in Section 4.1.2, and a Fourier analysis of the
spiral components in Section 4.1.3. We also investigate any
offset between the stellar and gaseous arms in Section 4.2,
and compute the pattern speed in Section 4.3. Finally in
c© 0000 RAS, MNRAS 000, 1–23
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Figure 5. The top panel is a column density plot from our sim-
ulation with 1% warm gas after 300 Myr, whilst the lower panel
is a HST image of M51 produced by NASA, ESA, S. Beckwith
(STScI), and The Hubble Heritage Team (STScI/AURA). The
spiral structure e.g. shape and pitch angle of the spiral arms ap-
pears very similar to the actual M51. In addition we mark on
several features (A - a kink in the spiral arm, B - a branch, C -
interarm gas, D - a stream of gas extending from the companion)
which appear in both the simulation and the observations.
Section 5 we make comparisons between our results and the
observations of Shetty et al. (2007).
4.1 Structure of the disc
We show the evolution of the gas disc of model A (with 1%
warm gas) in Fig. 4, where the interacting galaxy NGC 5195
is visible as a white dot. After 60 Myr (first panel), the inter-
action is not far advanced, and the structure resembles the
flocculent spiral structure seen in the isolated case (Fig. 3).
By 120 Myr (second panel), we start to see a two-armed
spiral pattern develop at larger radii (R > 5 kpc). At later
times, the two-armed structure extends to much smaller
(R ∼ 2 kpc) radii. The spiral pattern evidently changes
with time, but it evolves more slowly between 240 and 300
Figure 6. The top panel shows a column density plot from our
fiducial simulation after 300 Myr but zoomed out to larger scales.
There is a tidal tail of low density gas which roughly matches the
HI observations by Rots et al. (1990), lower panel. Image courtesy
of NRAO/AUI/NSF.
Myr. During the simulation, the companion galaxy becomes
increasingly bound to the M51 galaxy, and at the latest time
(370 Myr), the two galaxies are beginning to merge.
The time of 300 Myr corresponds approximately with
the present day in Theis & Spinneker (2003). The orbit in
this simulation deviates from the one obtained by Theis &
Spinneker (2003) because our active halo permits dynamical
friction and and therefore the model does not exactly repro-
duce the current positions of M51 and NGC 5195. Neverthe-
less the tightly wound spiral arms and overall morphology
strongly resemble that of M51, as we will discuss in Sec-
tion 4.1.1.
Although not shown in Fig. 4, to avoid confusion with
the companion galaxy, the gas disc also contains sink par-
ticles. These have been inserted at regions which acquire
sufficiently high densities that would otherwise halt the cal-
culation. However for model A, the disc is still relatively
stable and only 5 such particles form over the course of the
calculation.
Interestingly, there appears to be substructure in the
gas at all stages of the interaction. Initially the substructure
is flocculent, with many shorter segments of spiral arms,
due to gravitational instabilities primarily affecting the gas
(Toomre 1964). By 180 Myr (top right panel), the galaxy
contains a dominant 2–armed spiral pattern. Some remain-
ing flocculent structure is seen towards the top right of the
panel (x = 5 kpc, y = 5 kpc), which has not yet passed
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through the tidal arms. However there are also bifurcations
of the spiral arms, spurs and material shearing away from
the spiral arms, which we discuss further in later parts of
the paper.
4.1.1 Detailed analysis of structure and comparison with
M51
In Fig. 5 we show a snapshot from our simulation, at 300 Myr
roughly corresponding to the present day, accompanied by
an HST image of M51. The figures show excellent agreement
between the simulations and observations, in particular the
overall shapes of the arms, and their pitch angles.
We note several specific features seen in the simulation,
and M51, which are labelled on Fig. 5. Firstly there is a
clear kink in the spiral arm (marked A) in M51, and re-
markably, the same feature appears in our model. The kink
is slightly further anticlockwise compared to the actual M51,
suggesting our model has evolved slightly too far, presum-
ably because the density structure, and hence the rotation
curve we have assumed for M51 is not quite right. This kink
appears to arise where the inner spiral arm, induced from
the previous crossing of the companion, meets a new spiral
arm induced by the current passage of NGC 5195. The fea-
ture marked B indicates a second spiral arm breaking away
from the main arm. This occurs in both model and the ac-
tual M51, although again in our model the arm has rotated
further round the galaxy. We also see a large degree of gas
between the spiral arms, in particular indicated at C, and
again this is typical for much of M51.1
A feature which is not seen in the Hubble image of M51,
but is present in our model, is a large stream of gas above the
uppermost spiral arm (i.e. above C). Interestingly though,
we do see gas in front of the companion galaxy (marked D).
Possibly this gas extends further, and would be visible in
HI (see Fig. 6), or alternatively the gas disc in our model is
initially too extended.
In Fig. 6, we show a much larger scale image from our
simulation at the same time of 300 Myr, and below an HI
image from Rots et al. (1990). We capture the HI tail of M51
very well. The width of the tail increases up to the corner
of the tail, before diminishing. There is also gas far round
the tail, i.e. at negative x values in our coordinates, which
is apparent in the HI image. The entirety of the gas tail has
a stellar counterpart. This is as expected since we base our
models on the calculations of Theis & Spinneker (2003), who
compared the stellar distribution of their results with Rots
et al. (1990).
The gas feature at (0,20) kpc in our coordinates is not
seen in the observations. We find that this gas has been slung
out of M51 by a close passage with the companion. Possibly
1 At 180 Myr (Figure 4), there is also a stream of gas shear-
ing away from the spiral arm. Thus the spiral arm appears to
bifurcate moving radially inwards along the spiral arm (at coor-
dinates (-10,-7) kpc). Although not seen in M51, this is very sim-
ilar to some of the structure seen in M81 (Kendall et al. 2008).
Identifications of bifurcations with pattern speed resonances (e.g.
Elmegreen et al., 1989) generally require the bifurcation to occur
as one proceeds radially outwards, along the arm. We see both in
our simulations.
there is gas in this region which is not detected. Alterna-
tively if we properly modelled the companion, rather than
using a point mass, the gas may collide with gas internal
to the companion and experience less acceleration, or even
become accreted by the companion.
From Fig. 5, our simulated galaxy appears slightly
stretched in the y direction compared to the actual M51.
Although we use the observed position and inclination an-
gles of M51 in our initial conditions, these change over the
course of the simulation, and the galaxy becomes less tilted
on the plane of the sky. Thus at 300 Myr, the galaxy ap-
pears more face on than M51. This could suggest that we
would need to start with a slightly different orientation to
that currently observed for M51, or again reflect a simplifi-
cation of our model (e.g. representing NGC 5195 by a point
mass).
We show the detailed evolution of the disc from 280 to
320 Myr in Fig. 7. The structure of the disc, and the spiral
arms, are evidently changing over timescales of< 10 Myr. In-
terestingly we see that the present apparent position of NGC
5195 at the end of one of the spiral arms is merely a coinci-
dence - 10 Myr earlier the companion was nowhere near the
spiral arm. In the direction along the line of sight (right hand
plots), the companion galaxy is passing through the plane
of the disc, from behind to in front of M51. We can also see
the evolution of the large branch in the spiral arm, marked
B in Fig. 5. The branch is due to material shearing away
from the spiral arm, and its presence and location change
with time. Thus unlike Elmegreen et al. (1989), who sug-
gest branches in M51 lie at the 4:1 ultraharmonic resonance
of some global pattern speed, we instead suggest they are
temporary features, due to the chaotic dynamics, and evolve
from material sheared from the spiral arms. We discuss the
formation of branches in more detail in Section 4.1.4.
Finally, it has been noted in some observations that
there may be an oval distortion in the inner region of M51
(Pierce 1986; Tosaki et al. 1991; Zaritsky et al. 1993). An
oval region is apparent in our simulations at r ≈ 1 kpc, with
aspect ratio 2:1.
4.1.2 The structure of the disc with a higher fraction of
warm gas, and with cold gas
We focus our analysis on model A, presented in Fig. 4 since
this was the most stable, with less fragmentation and few
sink particles forming. However before discussing this model
in more detail, we first describe the structure in models B
and C.
In addition to our main model, we also ran calculations
with 10% warm gas (model B) and 0.1% cold gas (model C).
The model with 10% warm gas represents a more realistic
gas fraction for the galaxy. However both models B and C
were considerably less stable, and formed many more sink
particles. Consequently it was not possible (or appropriate)
to run these calculations for as long. We show the structure
of the disc at 180 Myr for these two simulations, as well as
the case with 1% warm gas (model A) in Fig. 8. The struc-
ture for both models with warm (104 K) gas is very similar
(left and middle panels). This is perhaps not that surpris-
ing as Qg for both models is fairly high. There are some
small differences – the spurs are more compact, presumably
because the gas is less gravitationally stable (and in fact un-
c© 0000 RAS, MNRAS 000, 1–23
Simulations of tidally induced structure in M51 9
Figure 7. The column density of the gas disc is shown for model A (1% warm gas) after 279, 290, 301, 309 and 320 Myr. The left
hand panels show the galaxy face on (in the xy plane in our coordinates) whilst the right hand panels show the galaxy along the line of
sight (i.e. in the xz plane) where the positive z direction is towards us. The panels indicate that the current position of the companion
apparently at the end of a spiral arm is a coincidence, whilst the left panels highlight the evolution of the spiral structure, and interarm
structure over much shorter timescales compared to Fig. 4.
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like model A, the spurs tend to contain sink particles). There
is generally more local collapse in the model with 10% warm
gas and consequently 32 sink particles have formed at this
point. The final panel in Fig. 8 (right) shows the disc with
0.1% 100 K gas. As expected, there is much more fragmen-
tation than in the models with warm gas. Again widespread
collapse occurs in the disc, and after 180 Myr, 184 sink par-
ticles have formed.
4.1.3 Evolution of spiral modes
We consider specifically how the spiral structure of the disc
changes with time by computing the amplitude of the spiral
modes. We calculate the Fourier amplitude of each spiral
mode according to Theis & Orlova (2004):
Cm =
1
Mdisc
˛˛˛˛ Z 2pi
0
Z Rout
Rin
Σ(R, θ)RdRe−imθdθ
˛˛˛˛
, (2)
where Mdisc is the mass of either the stellar or gas disc
and Σ is the corresponding surface density. We calculate the
Fourier amplitudes over annuli of the disc, between Rout and
Rin. Using cylindrical coordinates, R is the distance from a
point to the centre of mass of the galaxy, and θ is the angle
which subtends to the centre of mass, measured anticlock-
wise round the galaxy. We did not perform any rotational
transformations prior to obtaining the Fourier transforms -
the galaxy is still inclined with respect to the line of sight.
We show the amplitude of the modes versus time in
Fig. 9 for the whole of the disc (taking Rin = 0 kpc and
Rout = 10 kpc). The amplitudes of the modes increase dur-
ing the interaction, and as expected the m = 2 mode is
the dominant mode. However the m = 2 mode is not sub-
stantially higher than the other modes, particularly at later
times. For the gas, there is even less difference between the
m = 2 and other modes. This comes about because the
azimuthal distribution of the gas density is very spiky (Fig-
ure 11).
In Fig. 10 we plot the amplitudes versus time at differ-
ent radii in the disc. Here we take annuli of width 2 kpc,
about 3, 5 and 10 kpc. We only show the amplitudes for the
stars, but the gas shows similar behaviour. From this figure
it is evident that the m=2 spiral structure takes longer to
develop at smaller radii. This might be due to radial propa-
gation, or it might be because the strength of the tidal forces
decreases strongly with radius (note that for the R = 10 kpc
plot, the Fourier amplitudes are not particularly meaning-
ful at later times since the companion is located within 10
kpc). From viewing a movie of the stellar distribution, there
is no obvious break in the stellar arms with time. This sug-
gests that the tidal interaction is solely responsible for the
inner structure, in agreement with Toomre (1977) and Salo
& Laurikainen (2000b). For the gas however, the main spiral
arms are not always continuous, and it is possible (at earlier
times) to have shorter sections of spiral arms in the inner
disc overlapping the main tidally induced spiral arms.
The lack of a dominant m = 2 mode is surprising, given
that the column density plots (Figs. 4 & 5) show an obvious
2-armed spiral pattern, both in the gas and stars. However
this does appear to agree with recent observations (Kendall
et. al., in prep.), where the amplitude of the m = 2 mode is
around 0.2-0.3, and the other modes . 0.1. Elmegreen et al.
(1989) found slightly higher amplitudes, between 0.1 and 1
Figure 9. The spiral mode amplitudes are shown for the whole
of the disc versus time. The top panel is for the stellar (disc)
component and the lower for the gas component. The m = 2
mode is generally highest, though surprisingly not substantially
higher than the other modes, especially for the gas. The reason for
this is evident from Figure 11, where it can be seen that although
the azimuthal structure is predominantly double-peaked (m = 2)
it is sufficiently spiky, and the arms are sufficiently offset, a lot
of power in higher values of m is necessary to Fourier-decompose
the azimuthal distributions.
for the m = 2 mode, but still the amplitude of the m = 4
mode is not significantly less than m = 2 (and actually
higher at small radii).
In addition to the Fourier amplitudes, we show az-
imuthal profiles of the density in Fig. 11. We determine the
mass averaged volume density (ρ) over an annulus of width
1 kpc, divided into 64 sections azimuthally. The figure shows
the density at times of 120, 180, 240 and 300 Myr. At 120
Myr, the interaction is still at an early stage, so as expected
there is no obvious 2-armed pattern, though Fig. 11 and the
column density plot (Fig. 4, top middle) indicate that there
is one prominent spiral arm in the gas, due to the interac-
tion. The density profiles generally show that the arms are
considerably more peaked than sinusoidal curves. In some
cases (e.g. r = 5 kpc, at 180 Myr or r = 3 kpc at 300 Myr)
there is also a considerable degree of substructure in the gas.
Furthermore the main arms may be of unequal densities (e.g.
r = 5 kpc, 240 Myr) and not necessarily symmetric. As we
remarked above, this explains the relatively low amplitude
of the m = 2 mode in relation to the other modes.
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Figure 8. The column density of the gas disc is shown for the 3 models A, B and C. The figures show cases where 1 (left), 10 (middle)
and 0.1% (right) of the disc is gas, by mass. The temperature of the gas is 104 K in the left and middle panels, and 100 K in the right
hand panel. The time of the simulation for each panel is 180 Myr. Similar to Fig. 4 sink particles are not shown, only the point mass
which represents the galaxy NGC 5195.
Figure 10. The spiral mode amplitudes are shown versus time at radii of 3 (left), 5 (middle) and 10 (right) kpc for the stellar disc.
There is an evident transition of the m = 2 mode inwards through the disc At r=10 kpc, a two armed spiral emerges between 50 and
100 Myr, but is not induced in the central 3 kpc until after 150 Myr. As well as the m = 2 mode, all the Fourier amplitudes are seen to
increase during the interaction. The spiral modes for the gas show similar behaviour, though as for Fig. 7, the m = 2 mode is not quite
as large relative to the other modes.
4.1.4 Origins of substructure and spurs
The later part of this paper focuses predominantly on com-
parisons with observations, but beforehand we briefly con-
sider the origins of spurs and branches which lie between the
main spiral arms. As mentioned in the introduction, gaseous
spurs could be due to perturbations in the underlying stel-
lar disc, or occur as GMCs experience shear when they leave
the spiral arms. Numerical simulations of grand design spi-
rals have largely neglected the first hypothesis, as they have
assumed an underlying stellar potential, rather than incor-
porating a live stellar component. Alternatively for a quasi-
steady structure driven by some fixed pattern speed, spurs
can occur at specific resonances in the disc.
We investigate the origins of substructure in the disc
further by tracing back the gas which constitutes a large
branch at the time of 300 Myr. Fig. 12 shows the gas at
earlier times of 256 and 271 Myr. At 271 Myr, the gas lies in
a clump along the spiral arm, which then becomes sheared
into the branch we see at 300 Myr.
The origin of the clump in the spiral arm at 271 Myr
could be due to gravitational instabilities, which may po-
tentially lead to fragmentation along the spiral arms, and
in turn to spurs. However this does not appear particularly
likely, firstly since as mentioned in Section 2.2.2, the gas has
a relatively high Q. Moreover, as Fig. 8 indicates, there is
not a significant difference in structure between the models
with 1 and 10% gas (A and C), implying that self-gravity of
the gas is not regulating the structure. A second possibility
is cloud collisions. However the formation of large clumps
in this manner also seems unlikely when the temperature of
the gas (104 K) is high (Dobbs & Bonnell 2006), since the
gas is largely smooth. Nevertheless the gas in these models
is clumpy, not because the gas is cold, but rather due to
the flocculent spiral arms induced at earlier times by gravi-
tational instabilities in the stellar and gaseous components.
Thus flocculent spiral arms merge with the tidally induced
spiral arms to form clumps, which are then sheared into
branches or spurs, which in turn seed clumpy structure in
the next spiral arm.
A third option is that clumpy structure along the spi-
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Figure 11. These panels show azimuthal plots of the stellar and gas densities at times of 120 (top), 180 (second), 240 (third) and 300
(lower) Myr. The mass averaged density is calculated from annuli of width 1 kpc, which are positioned at 3 (left), 5 (centre) and 7 (right)
kpc, and both the gaseous (solid) and stellar (dotted) densities are shown. The azimuthal angle is calculated anti-clockwise round the
disc (in the direction of flow). At the earliest time, the interaction is only commencing, so there is no dominant two armed structure.
Though the gas and stellar peaks are generally correlated, which is not surprising if they are generated by gravitational instabilities
simultaneously. After 180 Myr, both the gas and stars now have two peaks. However at the later times there tends to be substructure in
the gas which leads to multiple peaks as well as the main spiral arms.
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Figure 12. In this figure we focus on the formation of a large
secondary spiral arm, or branch which appears in the simulation.
Gas particles are selected from the branch, and then shown at two
earlier time frames (left) whilst all the gas in the locality is shown
on the right hand column density plots. The branch originates
from a clump of dense gas in the spiral arm which gets sheared
in the interarm region. This in turn originates from substructure
in the disc.
ral arms is associated with compressive tidal forces (Renaud
et al. 2008), which could account for structure at predom-
inantly larger radii, a possibility that we will address in a
later paper.
4.1.5 Comparison of spurs with M51
The surface densities of spurs in the 1 and 10% warm gas
models are 10−3 and 10−2 g cm−2 respectively, or 4.5 and 45
M pc−2. The surface densities of spurs seen in M51 are ∼
50 M pc−2 (Corder et al. 2008). Thus the features found in
our 10% gas model are approaching the surface densities of
spurs in M51, although the surface densities are deliberately
low in our models to avoid gravitational collapse.
4.2 Stellar spiral arms and the offset between
stars and gas
There have been numerous studies of the offset between dif-
ferent tracers in M51, e.g. Tilanus & Allen 1989; Rand &
Figure 13. The column density for the stellar disc is shown for
the model with 1% warm gas at times of 180 (top) and 300 (mid-
dle) Myr. Contours of gas column density are overlaid. The lower
panel shows a K-band image of M51, indicating the old stellar
population, from Hitschfeld et al. (2009). The black lines repre-
sent symmetric logarithmic spirals fitted to 12CO data by Shetty
et al. (2007).
Kulkarni 1990; Petit et al. 1996; Patrikeev et al. 2006. The
CO is typically seen upstream of Hα, and the offset inter-
preted as the time for stars to form (Tamburro et al. 2008).
Density wave theory, i.e. the assumption that the stellar
arms rotate more slowly than the gas, predicts that the CO
should also be upstream of the underlying old stellar popula-
tion (Roberts 1969; Gittins & Clarke 2004), although this is
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dependent on the properties of the model, e.g. sound speed
of the gas, strength of the potential (Slyz et al. 2003; Dobbs
2007). Observations of CO overlaid on optical images of M51
indicate such an offset for one spiral arm, though oddly for
the other they are coincident e.g. Schinnerer et al. 2004.
In Fig. 13, we show the column density of the stars (in
the disc only), and overlay contours of the gas column den-
sity. As expected the stellar distribution is much smoother,
and the spiral arms much broader compared to the gas.
Also shown on Fig. 13 is a K-band image (which traces the
old stellar population) of M51 from Hitschfeld et al. (2009),
which again shows good agreement with the stellar distri-
bution from our simulations. Similarly to the gaseous arms,
the stellar arms in the simulations are wound slightly further
than in the observations due to adopting a too high rotation
curve initially (Section 2.2).
Fig. 13 does not indicate any obvious offset between
the gas and stars. The main departures of the gas from the
stellar component are interarm features. A similar conclu-
sion can be drawn from Fig. 11, which shows that the stellar
and gaseous peaks tend to be coincident. Any offset between
peaks of stellar and gas density in azimuth are temporary,
and tend to be localised, e.g. at R = 5 kpc, one gas arm
lies downstream of the stars (higher θ) whilst the other is
essentially coincident. At 240 Myr, one arm is still largely
coincident (if anything, upstream) whilst the other has split
into two separate peaks.
We determine the offset more systematically by locating
the peak of the gas and stellar spiral arms. However rather
than use the m = 2 Fourier amplitude, which implicitly
assumes symmetric spiral arms and the dominance of the
m = 2 harmonic, we fit Gaussians to our azimuthal density
profiles. As can be seen from the column density plots and
Fig. 11, the spiral arms may often be asymmetric. We took
density profiles over annuli of width 1 kpc, similar to those
shown in Fig. 11. We used a routine in Numerical Recipes
(Press et al. 1992) to fit a function of the form
ρ(θ) = A1 exp
»
−
“θ −B1
C1
”2–
+A2 exp
»
−
“θ −B2
C2
”2–
+A3
(3)
with the amplitudes of the spiral arms given by A1 and A2,
the offsets by B1 and B2 and the dispersions by C1/
√
2 and
C2/
√
2.
The position of the spiral arms is shown versus radius
in Fig. 14, for the gas and stars at five different times dur-
ing the interaction. We took annuli from 1-8 kpc, but at the
innermost radius it was often impossible to fit the distribu-
tion to two peaks, indicating that in our model the spiral
structure was not strongly induced at such small radii. The
error bars in Fig 14 correspond to the width of the Gaussian
peak for each arm. In nearly all cases the stellar and gaseous
spiral arms are coincident within the error bars, and in par-
ticular at the present day time of 300 Myr. Had we used
the errors of the fit instead, the error bars would have been
smaller, typically about one third the size shown in Fig. 14.
At most time frames however, the two types of arm would
still coincide within the smaller errors.
Kinks in the positions of the gaseous spiral arms are
either due to a sharp dip in the spiral amplitude between
the inner and outer parts of the annulus, which results in
an overestimate of the azimuthal angle of the peak, or oc-
P.A.; in the previous section, we used this to define the error in
the measurement of the best-fit parameters for P:A: ¼ 170". But
TWR solutions from P:A: ¼ 165" and 175" themselves addi-
tionally indicate a departure from the parameterization charac-
teristic of the lowest !2" solution measured at 170
".
When we identify the best-fit solutions strictly by their !2"
over all slices at each P.A.—rather than restrict our consideration
at P:A: ¼ 165" and 175" to pattern speed solutions optimal at
P:A: ¼ 170"—wefind that the values and domains of the best-fit
pattern speeds vary from P.A. to P.A. Figure 6 shows the best-fit
solutions at the three P.A.s, the values and!2" for which are given
in Table 3. There, solutions with rc ¼ 5:3 kpc at P:A: ¼ 165"
and 175", unlike at P:A: ¼ 170", measure at most two distinct
pattern speeds. More notably, although the best-fit solution with
rc ¼ 4:1 kpc at 165" measures two pattern speeds, at 175" no
unique pattern speed is measured inside rP 2 kpc.
Model comparisons based on !2" over all slices and the sep-
arated !2"; s diagnostic (Table 3) demonstrate the degree to which
these best-fit solutions differ from those at the nominal P.A. At
165", for instance, the !2" for solutions with rc ¼ 5:3 kpc suggest
that three pattern speeds are nearly indistinguishable from the
best-fit solution. The !2"; s confirms that the third zone in solu-
tions with rc ¼ 5:3 kpc is fit equally as well by a third pattern
speed as by the second speed in Figure 6. ( Inside r # 4 kpc, the
!2 [and speeds] of the three- and two-speed solutions are nearly
identical.) Furthermore, where rc ¼ 4:1 kpc two pattern speeds
fit the data significantly better than a single, constant pattern
speed.
At P:A: ¼ 175", too, judged overall by the!2" , three (two) dis-
tinct pattern speeds seem to fit nearly as well as the best-fit solu-
tion with rc ¼ 5:3 kpc (4.1 kpc). From the !2"; s it is apparent that
for rc ¼ 5:3 kpc two pattern speeds inside r ’ 4 kpc fit the inner
two zones significantly better than the single pattern speed shown
in Figure 6. However, the !2"; s in the third zone of this triple pat-
tern speed solution is rather high; the small 11 km s$1 kpc$1 dif-
ference in the speeds measured inside r # 4 kpc therefore seems
available only at the expense of accuracy in third pattern speed.
Furthermore, for rc ¼ 4:1 kpc the distinction between the two
pattern speeds measured inside r ’ 4 kpc weakens; the two in
this case are nearly identical to the constant value (such that the
!2" [and !
2
"; s] of both solutions are comparable). Overall, then,
Table 3 supports a conclusion that the data at 175" are at best con-
sistent with a single constant pattern speed inside r # 4 kpc.
This apparent preference for the measurement of a constant
pattern speed at P:A: ¼ 175" may suggest a phenomenologi-
cal difference in the projection of asymmetries (both intensity
and velocity) from that in the 170" case. For example, at P:A: ¼
175", and also at a higher P:A: ¼ 180", vh imeasurements in slices
jyj < 2:3 kpc are about #50% smaller than at P:A: ¼ 170", a
significant difference given the flux error for these slices. While
this is consistent with expectations for the large change in TWin-
tegrals introduced by a change in the P.A. (e.g., from a nominal
#P:A: ¼ 0"; Debattista 2003), the smaller projected streaming ve-
locities in this casemay bemore difficult to extract with the TWR
calculation, and lacking strong signatures, reproducing the higher
pattern speed measured at 165" and 170" may therefore be im-
probable at 175". In effect, the single measured speed inside
r ’ 4 kpc at P:A: ¼ 175"may therefore reasonably describe two
pattern speeds with significant error in each; this speed is nearly
consistent with the solution plotted in Figure 3 with the errors
defined by the P.A. uncertainty.
Critically, however, the data admit both P:A: ¼ 170" andP:A: ¼
175", and according to the findings of Shetty et al. (2007) ad-
dressed in x 4.6, the latter may be arguablymore valid at the inner
radii than our chosen 170". In this case, if, as might be indicated
by the analysis of Shetty et al. (2007) the P.A. does not reach the
assumed 170" until r ’ 3 kpc, rather than measuring a distinct
pattern speed, !p;1 could thus be interpreted as simply identi-
fying the region in the disk where the assumed P.A. is inappro-
priate. Furthermore, by the same token as above, the large (by
comparison) vh i at 170" may themselves reflect a misrepresenta-
tion of velocities in projection from the 175" case. Consequently,
if choosing 170" introduces streaming motions that are unreal,
the two pattern speeds measured in the best-fit solution at 170"
could just as persuasively reflect a large P.A. error introduced
into the measure of a single constant pattern speed.
Fig. 5.—Best-fit regularized solution with rc ¼ 5:3 kpc for P:A: ¼ 170"þ5"$5".
For this solution, bins exterior to r ¼ 5:3 kpc (not shown) have been calculated
without regularization. Dashed lines represent the difference from solutions de-
rived with a three pattern speed model at P:A: ¼ 165" and 175". Horizontal error
bars represent the dispersion in rt;1 and rt;2 from P.A. to P.A. The values in the
zone of the bright spiral structure correspond to!p;1 ¼ 96$26þ16 km s$1 kpc$1 out to
rt;1 ¼ 2:3& 0:1 kpc, !p;2 ¼ 51þ7$11 km s$1 kpc$1 out to rt;2 ¼ 3:9& 0:4 kpc
and!p;3 ¼ 23$7þ6 km s$1 kpc$1 out to rc. Curves for!;!& $/2, and!$ $/4 (seex 4.5) are shown in gray. [See the electronic edition of the Journal for a color
version of this figure.]
Fig. 6.—Best-fit regularized solutions at three P.A.s (P:A: ¼ 165", 170",
and 175"). Solutions calculated with both rc ¼ 4:1 and 5.3 kpc are plotted, with
the latter shown in thinner line. In these solutions, bins exterior to rc (not shown)
are calculated without regularization. The solutions from P:A: ¼ 165", 170",
and 175" are shown by dash-dotted, dashed, and solid lines, respectively. Values
and domains of the pattern speeds in solutions at each P.A. are given in Table 3.
[See the electronic edition of the Journal for a color version of this figure.]
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Figure 15.Here w sh w the pattern speeds of the gaseous (solid)
and stellar (dotted) spiral arms (top panel) with error bars. We
plot both arms (i.e. two g seous arms and two stellar arms) sep-
arately, as we don’t assume they have the same pattern speed.
The pattern speed is calculated using the locations of the density
peaks (shown in Fig. 14) at 180 and 300 Myr. Also shown is the
angular velocity of the stars (red dashed line) and Ω± κ/2 (blue
dashed lines). The lower panel shows a corresponding plot form
Meidt et al. (2008), who used th Tremaine Weinberg method to
determine the pattern speed in the inner regions of M51.
cur where the spiral a m bifurcates. There is a slight ten-
dency for the shock to be upstream of the stelar arms at
smaller radii and downstream at larger radii. However if
anything the location of the shock scillates upstream and
downstream (as typically found in the grand design galaxies
studied by Kendall (2009), including M51) and moreover,
the offsets are typically too small to be very meaningful.
4.3 Pa tern speeds of t e spiral arms
One of the implicit ssumpt on in Lin-Shu d nsity wav
theory is that the spiral arms have a coherent pattern which
rotates at a fixed pattern speed. However recent observations
by Mei t et al. (2008) have b n unable to find a single
pattern speed; rather they assign different pattern speeds
to different radii. In an attempt to retain some contact with
density wave theory, th y suggest that h re may be mul iple
spiral arm modes in the disc, but also agree that their results
can be explained by a windi g pattern. T e most obvious
interpretatio of their results is the latt r, and even m re
simply, that there is no global pattern speed. This can be
seen from our simul tions, e.g. by comparing the galaxy at
c© 0000 RAS, MNRAS 000, 1–23
Simulations of tidally induced structure in M51 15
Figure 14. In this figure we plot the peaks of the gaseous (solid) and stellar (dashed) spiral arms as determined by fitting Gaussian
profiles to azimuthal density plots. The azimuthal angle (θ) is calculated anti-clockwise round the disc (in the direction of flow) so a solid
line lying above a dashed line indicates the shock lies upstream of the stellar. Generally, there is little offset between the stars and gas,
and since the stellar arms are very broad, the error bars tend to encompass those for the gaseous spiral arms. The main exception is at
a time of 270 Myr, which is likely due to the complicated structure at this time (see Fig. 19) and the subsequent difficulty of picking out
the main spiral arms.
times of 180 and 300 Myr (Fig. 17), where it is evident that
the spiral arms are visibly winding up.
We use the results of our Gaussian fitting to find the
pattern speed of the arms from our simulations, simply tak-
ing Ωp = dθ/dt at each radius R. In Fig. 15 we show the
pattern speed for the stars and gas versus radius, accompa-
nied by a similar figure from Meidt et al. (2008). We show
the pattern speeds for each arm, as we do not assume they
are necessarily the same. Fig. 15 shows that the pattern
speed is not constant with radius. Rather the pattern speed
decreases with radius. For Fig. 15, we calculate the pattern
speed between times of 180 and 300 Myr. Taking 240 Myr
to 300 Myr produces a similar result but with larger error
bars. We note that our pattern speeds agree roughly with
those determined by Meidt et al. (2008), lying between 25
and 50 kpc km s−1 compared to 50 kpc km s−1 at radii be-
tween 2 and 4 kpc and 25 kpc km s−1 between 4 and 5 kpc.
Egusa et al. (2009) also measure a pattern speed of 30 kpc
km s−1. In the simulations, the pattern speed of one arm
starts relatively flat, then drops at 4.5 kpc, corresponding
again to the kink observed in Fig. 5.
5 COMPARISON WITH OBSERVATIONS OF
DENSITY AND VELOCITY
In this Section we make a comparison between our results
and some of the analysis presented in Shetty et al. (2007).
Shetty et al. (2007) note some discrepancies between their
observations and density wave theory, in particular large cir-
cular and radial velocities. We follow the procedures outlined
in Shetty et al. (2007) for analysing M51. They show plots
of column density on a logR versus azimuth space, and fit
straight lines to the spiral arms, which assumes an under-
lying shape of the arms to be that of a equiangular spiral.
They then plot velocity against an angle ψ, where ψ is the
angle extending from a spiral arm.
We first assessed whether there was a warp in the disc,
as Shetty et al. (2007) include the position angle in their
analysis. However although our disc shows a slight warp (see
Fig. 16), we considered it would make little difference to our
results, at least in the central parts of the disc.
5.1 R− θ plots of spiral arms
In Fig. 17, we show the column density of gas (left) and stars
(right) on a polar plot, at times of 180, 210, 240, 270 and
300 Myr. Over time, the spiral arms become shallower, in
both stars and gas, again indicating the pattern is becoming
more tightly wound.
We also overplot the positions of the peaks determined
from the Gaussian fittings on Fig. 17. From the general
shape of the arms, and the positions of the peaks, it is ap-
parent that in many cases, the spiral arms cannot be easily
fitted by straight lines, and are therefore not logarithmic.
Rather the gradient changes with radius. Sometimes there
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Figure 17. These plots show the column density of the gas (left) and stars (right) in logR versus θ space. For logarithmic spirals, we
would expect to see straight lines indicating the spiral arms. This is often not the case, particularly at later times (e.g. 210 Myr, 300
Myr). Instead the slope changes as the arms become more or less tightly wound. Even when the arms can be fitted approximately by
straight lines (e.g. 180 Myr), the gradient of each appears to differ. Also shown on these plots are the density peaks found using out
Gaussian fits, with 1σ error bars.
is a clear, even sharp change in the slope of the spiral arms.
For example at the time of 300 Myr, one arm becomes shal-
lower at larger radii, becoming more tightly wound. At 240
Myr, one arm displays the opposite behaviour, becoming
more open at larger radii. The figure also shows that the
two arms are often asymmetric, displaying different gradi-
ents. At 270 Myr the structure of the gas is very messy,
hence the disparity between positions of the gas and stellar
arms seen in Fig. 14.
We compare in more detail the gas column density with
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Figure 18. We select the log(R) versus θ plot at a time of 300 Myr, corresponding approximately with the present day (left) and show
the Hα plot from Shetty et al. (2007) on the right (where the observations and data reduction are taken from Vogel et al. (1993) and
Gruendl (1996)). We have marked a point A on each where the slope of the spiral arm clearly changes - this can be seen as the kink
(also marked A) in Fig. 5.
Figure 16. This figure shows the inclination angle (top) and
position angle (lower) against radius. The disc is slightly warped,
but by less than 10.3o for radii within 5 kpc, where observations
are focused.
a Hα plot from Shetty et al. (2007) in Fig. 18. Our re-
sults display considerably more structure than the obser-
vations. This may simply be a consequence of higher resolu-
tion and/or a consequence of the simplicity of our treatment
of the ISM. Also for both the simulations and observations
(Shetty et al. 2007), it is difficult to pick out the spiral arms
at low (R < 3 kpc) radii.
There is a specific example of a deviation from logarith-
mic behaviour at the point marked A. Here there is a kink
in the spiral arm, and the gradient becomes shallower. This
in fact corresponds to the point marked A in Fig. 6, a fea-
ture apparent in both the model and observations. At this
point, if the inner arm continued, it would be much more
open than observed. Instead, rather than continue with the
same pitch angle, the arm becomes more tightly wound. We
postulate again that the inner arm is longer lived (from the
first crossing of the perturber) whilst the outer spiral arm
is much more recent (Fig. 8), thus it is not surprising the
sections have different pitch angles, and different pattern
speeds.
Interestingly there is also a bifurcation at the point
marked A in Fig. 18. This is the branch marked B in Fig. 6,
which is actually turning radially inwards. Although there
is no such corresponding feature in the observations, there
is nevertheless what appears to be a similar structure below
A (marked B), on the next spiral arm, which also moves
radially inwards.
5.2 Radial velocities
Here we calculate the radial velocities of the gas. Shetty et al.
(2007) plot the average radial velocity versus azimuth, and
find large radial motions in the disc, and furthermore large
net radial motions at different radii. If the disc obeys stan-
dard density wave theory, we would expect no large radial
motions, and certainly no net radial motions.
In Fig. 19 we show the radial velocity versus ψ, the an-
gle between spiral arms. This formalism follows Shetty et al.
(2007), so ψ=0 is located approximately on a spiral arm. We
also plot the density in Fig. 19, and both are averaged over
a 1 kpc band placed at r = 2 (upper), and r = 4 kpc (lower)
at times of 180 and 300 Myr. The radial velocities do not
show particularly good agreement with Shetty et al. (2007).
In Shetty et al. (2007), the radial velocities tend to be pos-
itive, whereas ours are a mixture of positive and negative.
This could indicate that the orbit of NGC 5195 is too tightly
bound in our simulations. The magnitudes of our radial ve-
locities are very high, even compared to Shetty et al. (2007),
and although the velocity tends to dip at high density, the
profiles are more complex than would correspond to stan-
dard density wave theory.
In Fig. 20, we plot the net radial velocity versus ra-
dius, at different times. At all times there are substantial
net radial velocities, particularly at larger radii. The figure
also indicates that the radial motion fluctuates between in-
wards and outwards, indicating the disc is compressing and
expanding. The net radial velocity in Shetty et al. (2007)
varies from 0 to 30 km s−1 for radii R < 4 kpc, but varies ac-
cording to the assumed position angle. Our results typically
show half this range for R < 4 kpc, and tend to show a net
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negative velocity, which again may suggest that NGC 5195
is too gravitationally bound in our simulations.
6 DISCUSSION
We have modelled the galaxy M51 and its interaction with
its companion NGC 5195, focusing primarily on the dynam-
ics of the gas, and secondly the stellar disc. The tidal interac-
tion produces spiral arms in the stars and in the gas. The re-
sulting spiral structure shows excellent agreement with that
of M51, and we have even successfully reproduced individual
kinks and branches identified in M51. We also capture the
larger scale structure, including the extensive tail of HI.
6.1 Density ‘waves’
The spiral structure found in interacting, and other, galaxies
is often interpreted in terms of ‘density wave theory’. There
is, however, much ambiguity in the literature as to what is
meant or understood by the phrases ‘density waves’ or ‘den-
sity wave theory’. Before proceeding it is important to clarify
the underlying physical concepts and also the terminology
we employ in this paper with regard to the spiral structure
we see in galaxies and in our simulations. What we say here
is a simplification of the more thorough and detailed analy-
sis to be found in Chapter 6 of Binney & Tremaine (1987).
Our discussion will focus on the structure apparent in the
stellar disc as it is in the stellar disc that the structures are
excited and maintained. The gas for the most part merely
responds to the time– and space–varying potential of the
stars. Because the orbits of the gas elements cannot inter-
sect without producing shocks, the gas acts as an amplifier
for identifying the underlying stellar gravitational potential.
In addition the gaseous response is easier to observe.
6.1.1 Material spiral arms
The simplest concept is that of material spiral arms. Con-
sider a galaxy in which all the stars in the disc are on circular
orbits, and ignore the self-gravity of the stars. That is, we
assume the contribution to the potential in which the stars
are moving comes from the bulge and the halo. Suppose at
a particular instant one attaches a flag to each of the stars
which lie along a diameter in this galaxy. Then at a later
time, because the rotation rate Ω(R) is a decreasing func-
tion of radius R, the flags will form a pattern in the shape of
a trailing spiral arm. This is a material spiral arm and will
wind up locally at a rate |dΩ/d lnR|. Because dΩ/dR < 0
the arms are trailing spirals. Because typically the gas in
the disc of a galaxy is moving highly supersonically, radial
pressure gradients are negligible and the angular velocity
of the gas is almost identical to that of the stars. Thus to
a first approximation the gas comoves with the arms. An
example of material arms is to be found in flocculent spi-
rals, where each small segment of spiral arms forms locally
through self-gravity (e.g. Dobbs and Bonnell, 2008). The
density enhancement essentially comoves with those stars
which form the locally self-gravitating entity. The entity
then becomes wound up as a trailing spiral which is then
dispersed on a timescale of order 1/|dΩ/d lnR|.
Figure 19. We show the (mass weighted) radial velocity (red)
plotted versus azimuth at times of 180 Myr (left) and 300 Myr
(right), and at radii of 2 (top) and 4 (lower) kpc. The density, in
arbitrary units is also shown in black. The radial velocities are
much larger than expected from density wave theory.
Figure 20. This figure shows the net radial velocity in 1 kpc
bands, versus radius at different times during the simulation. The
net radial velocity fluctuates from positive to negative values,
indicating compression and expansion of the disc.
6.1.2 Kinematic density waves
The next simplest concept is that of kinematic density waves
(Binney & Tremaine 1987, Section 6.2). These occur when,
as we assumed above, the self-gravity of the stars is negli-
gibly small. The nomenclature is misleading because they
are not actually waves; there is no oscillatory behaviour,
no restoring forces and they do not propagate (the group
velocity is zero). Consider the galaxy described above, and
consider a star in a circular orbit at radius R. Give this
star a small radial impulse. Then, to linear order, the stellar
orbit is an ellipse, with one of its foci at the centre of the
galaxy (an m = 1 perturbation). The star orbits the centre
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of the galaxy with frequency Ω(R) and its distance from the
centre of the galaxy in the radial direction oscillates with
frequency κ(R) where κ is the epicyclic frequency, given by
κ2(R) = R
dΩ2
dR
+ 4Ω2, (4)
and in general κ > Ω. Thus in the inertial, non-rotating
frame, the orbit is not closed, but appears to precess (retro-
gradely) at a rate Ω− κ. However, in a frame which rotates
(progradely) at a rate
ΩILR(R) = Ω(R)− 1
2
κ(R), (5)
the orbit is closed. In this frame the orbit, to linear order,
takes the form of an ellipse with centre coincident with the
centre of the galaxy (an m = 2 perturbation).
Since this star’s orbit is non-circular, by conservation of
angular momentum it slows down when it is furthest from
the centre. By considering this star and its near neighbours,
we can see that this means that its neighbours get closer
to it at this point, or, in other words, the stellar density is
enhanced there. To illustrate this, imagine that we attach
a light to this star, and make it flash each time the star
reaches its greatest orbital extent. Thus when the light is
on, it represents a region of enhanced density. Then in the
frame rotating with angular velocity ΩILR the light flashes
with period 2pi/κ but at points in this frame which are fixed
either side of the centre.
Now consider a set of stars which are initially uniformly
distributed around the circular orbit at radius R, and which
are subject to a perturbation by an object orbiting at some
larger radius, thus the perturbing object has some angular
velocity Ωpert < Ω. To simplify matters, suppose that the
effect of the perturbation is to give each star a small radial
impulse at the moment when it is closest to the perturber
(an m = 1 perturbation 2). Also give each star a light which
flashes when its orbit is at its greatest extent. Then in the
frame rotating with angular velocity ΩILR we would see a
succession of flashes, either side of the centre, whose posi-
tions advance in azimuth at a rate Ωpert − ΩILR. Suppose
the perturber has an angular frequency Ωpert = ΩILR, then
the succession of flashes are all at the same fixed points in
this frame, either side of the centre. In other words, we see a
steady light each side of the centre. This would then repre-
sent a steady m = 2 pattern of density which, in the inertial
frame, rotates with angular velocity ΩILR.
For a more general case, the perturber will induce a
temporal Fourier component, which coincides with ΩILR at
a given radius R. This excites the m = 2 density pattern (of
angular velocity ΩILR) as described above. Extending over
all radii, the effect of the perturbing galaxy is to induce a co-
herent m = 2 density enhancement across the disc, rotating
with ΩILR(R). In general, it turns out that
dΩILR
dR
< 0, (6)
2 Note that for a tidal interaction, as we have in this paper, an
m=2 perturbation is dominant. In this case, we would introduce
an impulse to the star closest to, and the star furthest from the,
perturbed galaxy. Thus an m = 2 pattern again occurs, but in-
duced at both the nearest and opposite side from the perturber
simultaneously.
Thus, just as for the material spiral arms, these density
enhancements form a density structure in the shape of an
m = 2 trailing spiral arm. At each radius the density maxi-
mum rotates with a local pattern speed Ωp(R) = ΩILR(R).
Such a structure is called a kinematic density wave. It
appears to be called a wave because the stars (and also there-
fore the gas) move through the density maxima (indeed at
a rate Ω − ΩILR), and so the particles forming the arms
change with time. But the term wave is misleading, because
the structure so formed does not propagate. The term kine-
matic density pattern might be more appropriate.
The importance of these patterns is twofold. First, they
are m = 2 and so are generically induced by tidal pertur-
bations (just as the moon produces two tides a day on the
Earth) 3. Second, the spiral pattern so formed winds up at
a rate |dΩILR/d lnR|  |dΩ/d lnR|, and so can be compar-
atively long-lasting.
6.1.3 Spiral density waves
Now consider what happens to a kinematic density pattern if
we allow the stars which form it to be mildly self-gravitating.
Then the spiral density pattern gives rise to a corresponding
spiral gravitational potential. This means that the pattern,
which was previously being sheared out by differential pre-
cession, is now able to show some coherence. For example,
the stars in the gravitational maxima now feel mutual at-
traction which counteracts the differential shear. This has
two effects: (i) the local rate of precession of the pattern is
modified, indeed now Ωp > ΩILR and (ii) the pattern now
becomes a genuine wave in that it is able to propagate in
the radial direction. The radial group velocity, Vg, of such
waves is given by (Binney & Tremaine 1987, Chapter 6.2.4):
Vg
RΩ
= f
2pi
3.36
∆R
R
1
Q
, (7)
where ∆R = σR/κ is the radial excursion of stellar orbits,
given a radial velocity dispersion σR, Q = (σR κ)/(3.36GΣ)
is the usual Toomre parameter which measures the strength
of self-gravity, and f is a dimensionless factor which can be
derived from the relevant dispersion relation.
6.1.4 Density wave theory of spiral arms
The aim of density wave theory, as propounded by Lin &
Shu (1964), was to show that large-scale spiral structure
within a galaxy can be self-maintained in a quasi-steady
state, without input from external perturbations. If true,
then this could account for grand design spiral structure
seen in galaxies without the need to appeal to internal bars
or external tidal interactions. Because, in the presence of
self-gravity, density waves propagate radially, it seemed a
reasonable proposition that the spiral pattern seen in grand
design spiral galaxies might correspond to a global, long-
lasting, self-sustaining spiral mode, with some pattern speed
Ωp independent of radius. For such a fixed pattern speed,
stellar spiral density waves are able to propagate only at
3 The central bars in barred galaxies also produce m = 2 pertur-
bations which can set up similar patterns, but we do not consider
those here.
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radii between the inner Lindblad radius (RILR) at which
ΩILR = Ωp and the outer Lindblad radius (ROLR) at which
Ω+ 1
2
κ = Ωp. Between these two radii lies the co-rotation ra-
dius (RCO) at which Ω = Ωp. In order to set up such a spiral
density mode using spiral density waves it is necessary for
the waves to be able to propagate to and fro between RILR
and ROLR (analogous to the mechanism of setting up a vi-
brating mode on a violin string requiring travelling waves to
be able to communicate between the two ends of the string).
The major problem for this theory is that it has never been
shown how this can be achieved in practice. There are a num-
ber of reasons for this. An example of one is that a major
observational advance since this theory was first propounded
is that it is now known that all observed spiral structures in
galaxies consist of trailing spiral arms. Such structures prop-
agate only inwards at radii R < RCO and outwards at radii
R > RCO. Thus using the observed spiral arms as density
waves to set up a spiral ‘mode’ of the kind observed is not
feasible. A further consequence of the lack of leading spiral
arms is that the proposed feedback mechanism, by which
global modes are maintained by the conversion of leading to
trailing arms (Mark 1976), does not appear to operate.
6.1.5 Illustration
An illustration of the response to be expected by a stellar
galactic disc to a tidal perturbation can be found in the
paper by Oh et al. (2008). They consider the response of a
mildly self-gravitating disc of stars to a perturber which flies
by on a parabolic orbit. Although there are some limitations
to their models (they adopt 2D thin disc models and fix
the position of the perturbed galaxy), they find that the
dominant response at late times is m = 2, and as can be seen
from their Figure 14, the temporal behaviour of the response
at late times has a pattern speed equal to ΩILR(R). This is
true for their Model A2∗ in which stellar self-gravity is set
to zero, so that the response corresponds to a kinematic
density pattern and cannot propagate radially, and also for
their Model A2 which has mild stellar self-gravity and shows
evidence for some inward radial propagation.
6.2 Our simulations
The simulations of the interaction between M51 and
NGC 5195 that we have performed show that the response
of the stellar and gas discs to the interaction is strongly
time-dependent and dynamic. Thus trying to interpret the
response in terms of full density wave theory, with spiral
modes of fixed pattern speeds (if they exist) is not a fruitful
way to proceed. From our detailed analysis, we find com-
pelling evidence that M51 does not fit the Lin-Shu hypoth-
esis of spiral density wave theory. This has been hinted at
in recent observations (Shetty et al. 2007; Meidt et al. 2008)
(see also Buta & Zhang 2009). Rather than being a rigid
pattern, the spiral pattern continuously evolves throughout
the interaction. The lengths, amplitudes, and azimuthal sep-
aration of the arms change with time. Moreover, the spiral
pattern winds up over a timescale & 100 Myr (cf. Merrifield,
Rand & Meidt 2006). Thus there is no well defined global
pattern speed for the spiral arms; there is, rather, a radi-
ally decreasing pattern speed of the spiral arms (Figure 15).
There we see that the radial variation in pattern speed is
about ∆Ωp ≈ 20 km s−1 kpc−1 which corresponds to a wind
up timescale of 2pi/∆Ωp ≈ 300 Myr. Indeed what we are see-
ing is similar to the findings of Oh et al. (2008). The pattern
speeds we find for the arms (both stellar and gaseous) (Fig-
ure 15) lie slightly above the curve ΩILR(R) which is what
we expect for a tidally induced kinematic density pattern
with the addition of mild self-gravity. The angular frequency
of the perturbing galaxy (NGC 5195) varies as it proceeds
along its orbit in the range 10 – 30 km s−1 kpc−1, with the
highest frequencies corresponding to the closest approaches,
and so to the strongest tides. The response frequencies lie
mainly in this range.
We describe a highly chaotic picture of the dynamics
of M51 and NGC 5195. The companion orbits M51 twice,
with two close non-coplanar encounters producing a pre-
dominantly m = 2 spiral response during each passage. As
seen from Fig. 17, the main spiral arms become more diffi-
cult to distinguish with time, and show abrupt changes in
pitch angle. In addition dynamical interactions between the
tidal impulses and the arms and between the spiral arms
themselves lead to apparent bifurcations in the form of sec-
ondary arms, branches and spurs. We show that these inter-
arm branches are simply material shearing away from the
spiral arm. The simulations produce branches which fork
away from a spiral arm both inwards and outwards along
the spiral arm. From the detailed evolution of the disc, we
find that features including the kink along one spiral arm
and large interarm branches evolve relatively quickly (over
10’s of Myr). They are not long lasting features compared to
the arms themselves. Thus, for example, the interpretation
of spiral arm bifurcations and other structure in terms of 4:1
ultra-harmonic or other resonances (Elmegreen et al. 1989;
Chakrabarti et al. 2003) in such tidally driven structure is
not a fruitful exercise.
A number of authors have attempted to use the off-
sets between the stellar spiral potential dips and the shocks
in the gas, delineated for example by molecular gas and/or
star formation, as a means of estimating the relative flow
speed of the (stellar) spiral pattern and the gas, often re-
lying on the basic assumption that the spiral has a fixed
pattern speed (e.g. Westpfahl 1998; Gittins & Clarke 2004;
Kendall et al. 2008; Mart´ınez-Garc´ıa et al. 2009; Buta &
Zhang 2009). While this can be a useful procedure in barred
galaxies (Buta & Zhang 2009), where one might expect there
to be an overall pattern speed driven by the rotation speed
of the bar, it is likely to be less so in interacting galaxies.
We have already noted that in flocculent galaxies it is ex-
pected that there is essentially no offset between the stars
and the gas (Dobbs & Bonnell 2008). From our simulations
of a strong tidal interaction we have found (Figures 11, 14
and 17) that there is little offset between the gaseous and
stellar arms, and that when offsets can be discerned they
can have either sign, and moreover the sign of the offset can
vary with radius. This comes about because in the case of
M51 the tidal interaction is strong and still on–going, and
thus the responses both in the stars and in the gas are still
strongly dynamical.
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6.2.1 Swing amplification
Previous simulations have highlighted the role of swing am-
plification in maintaining spiral structure in interacting sys-
tems (Hernquist 1990; Donner & Thomasson 1994). With
sufficient self gravity, spiral arms subject to shear become
narrower and more pronounced. The stellar spiral arms in
our simulation appear to be fairly broad (Fig. 13), sug-
gesting that swing amplification is not operating. Ideally
we would need to run calculations without self gravity to
confirm whether the stellar spiral arms are essentially just
kinematic features, or whether they are indeed amplified.
However we can estimate the importance of swing amplifi-
cation by calculating X = λy/λcrit (Toomre 1981), where
λy is the wavelength of the perturbation and
λcrit =
4pi2GΣ
κ2
. (8)
Swing amplification becomes effective once X < 3. For our
simulations, λy = 2piR/m where m = 2 for a two armed
spiral, hence
X =
piRκ2
4pi2GΣ
. (9)
We can rewrite this as
X =
3.36Q
4pi
vc
σ
κ
Ω
(10)
where vc is the circular velocity and σ the stellar velocity
dispersion. Taking Q = 1 (Fig. 2), κ/Ω ∼ 1.7 and vc/σ ∼ 8,
typical for our simulations, gives X = 3.6. More generally,
these quantities vary across the disc, but X lies between 3
and 4 for all but the innermost regions, where X is higher.
Thus there may be some swing amplification occurring
in the spiral arms of our simulations, but it is unlikely to
have a large effect. This is compatible with previous simula-
tions which found that the mass of the disc needs to be about
that of the halo for swing amplification to become important
(Sellwood & Carlberg 1984; Byrd et al. 1989), as well as the
results of Oh et al. (2008). Our simulations in fact suggest
that swing amplification is not vital to producing well de-
fined spiral arms, since the gas response naturally provides
narrow, dense spiral arms (as we observe), even though the
stellar arms are much broader.
6.3 Caveats
Although the overall dynamics of the interaction seems to
be well accounted for by our simulations, the details require
several important caveats.
As pointed out throughout the paper, the orbit differs
from that found by Theis & Spinneker (2003), since we adopt
a live halo as opposed to a static potential. In future, we
should ideally use an orbit which takes into account dynam-
ical friction. However this significantly increases the com-
putational time for the MINGA code, and was impractical
when embarking on this project. This effect is likely exac-
erbated by under-resolving the halo in our simulations, to
reduce computational time. Furthermore we only modeled
the companion galaxy as a point mass, again to concentrate
computational resources to modelling the disc of the M51
galaxy. We expect that modelling the companion galaxy may
also change the orbit of the two galaxies.
We used a very simple model of the interstellar medium
(ISM) in M51. We ignore the fact the in general the ISM is
likely to be multi-phase and interactive. The warm phase
can condense to become cool, the cool phase can give rise
to star formation in dense regions, and the resultant stellar
feedback can recycle cool gas back to being warm. Moreover
we ignore pressure in the ISM due to magnetic fields and
cosmic rays, and dynamical feedback from supernovae etc.
We expect stellar feedback would change the distribution
of the gas primarily on smaller scales, though supernovae
may well produce holes and further substructure in the disc.
Magnetic fields will act to reduce the amount of substructure
(Dobbs & Price 2008), but may not be sufficient to alter the
larger scale branches seen in our simulations. We note as
well that in our main model, we assume a gas temperature of
104 K. The gas in M51 is predominantly molecular, and will
therefore tend to be significantly colder. In our model with
cold gas, the disc undergoes excessive fragmentation. It may
well be that including stellar feedback, and / or magnetic
fields adds to increase the local pressure of the gas, more
similar to our 104 K model, thus reducing fragmentation
and local collapse.
It also needs to be borne in mind that the relative posi-
tions of the gaseous shock and the spiral potential minimum
can depend on the sound speed in the gas. For example,
if the thermal energy in the gas is comparable to the po-
tential energy drop in the arm, it is possible for the shock
to be upstream of the potential minimum (Roberts, 1969),
whereas if the thermal energy is much less than the depth
of the gravitational potential of the arm, the shock is to be
found downstream of the potential minimum, where the gas
is decelerated as it climbs out of the potential well (Dobbs
et al. 2006). We note, however, that we find from our models
for M51 differences in assumed sound speeds do not result in
large differences in the resulting large-scale gas distributions
(Figure 8).
As a first attempt at modelling M51, we have only per-
formed relatively low resolution simulations. Even so we
have been able only to carry out one long timescale run.
It is evident that a better model of the internal structure of
M51 would be required to obtain better agreement between
the observations and the simulations. Higher resolution sim-
ulations will be required to analyse the details of molecular
cloud and star formation in M51. Also, for the current simu-
lations we have only shown a scenario where the companion
galaxy lies on a bound orbit and eventually merges with the
main galaxy. A related question is what happens for a more
generic case when the orbit is not bound, and how long does
the spiral pattern (in the stars and gas) subsist?
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